We present the results of a photometric variability survey in the young open cluster Stock 14 and the surrounding fields. In total, we detected 103 variable stars of which 88 are new discoveries. We confirm short-period, low-amplitude light variations in two eclipsing members of the cluster, HD 101838 and HD 101794. In addition, we find two new β Cephei stars of which one, HD 101993, is also a member. The sample of pulsating cluster members is supplemented by one multimode slowly pulsating B-type star and several single-mode candidates of this type. The other pulsating stars in our sample are mostly field stars. In particular, we found fourteen δ Scuti stars including one γ Dor/ δ Sct hybrid pulsator. From our UBV photometry we derived new parameters of Stock 14: the mean reddening E(B − V ) = 0.21 ± 0.02 mag, the true distance modulus, 11.90 ± 0.05 mag, and the age, 20 ± 10 Myr. Finally, we use the new photometry to analyze changes of the 6.322-d orbital period of the bright eclipsing binary and the member of the cluster, V346 Cen. In addition to the known apsidal motion, we find that another effect, possibly light-time effect in a hierarchical system of a very long orbital period, affects these changes. The updated value of the period of apsidal motion for this system amounts to 306 ± 4 yr. The open cluster Stock 14 was found to be a fairly good candidate for successful ensemble asteroseismology.
Introduction
Asteroseismology is one of a very few ways allowing to probe stellar interiors. The application of this method to the massive main-sequence pulsating stars, especially β Cephei-type stars, can help to determine the range of convective overshooting from the core and the core rotation rate (e.g. De Cat et al. 2011 , Lenz 2011 . A prerequisite of successful seismic modeling in these stars is, however, identification of at least some modes. Many mode identification methods applicable for β Cephei stars were developed during the last two decades, but only some
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provide reliable results. It is now commonly accepted that unambiguous mode identification requires precise time-series photometry and spectroscopy supported by careful modeling. However, this is a price worth paying. The best attempts of seismic modeling of β Cephei stars already allowed to indicate that stellar cores in massive stars rotate much faster than their envelopes (Dupret et al. 2004 , Pamyatnykh et al. 2004 . Still, there is much more to learn. Asteroseismology gives a chance of testing stellar physics, especially stellar opacities that are crucial in driving pulsations in β Cephei stars (Pamyatnykh 1999 , Miglio et al. 2007 , Cugier 2012 . Recently a need for a further revision of stellar opacities has been pointed out (e.g Zdravkov and Pamyatnykh 2008, Cugier 2012) . Such a revision requires comprehensive theoretical work. It is also clear that in order to have a good material for comparison, we need to observe more β Cephei stars with well-identified modes, spread over the entire instability strip.
So far only several bright β Cephei-type stars were modeled in a comprehensive way. In order to make the results of such modeling conclusive, parameters of stars under study need to be constrained as well as possible. In this context, there is a new possibility which should help to achieve these goals, a method called ensemble asteroseismology. The method can be applied to pulsating stars in relatively bright open clusters (Suaréz et al. 2007) . It takes advantage of the fact that stars in a cluster share the same parameters, namely age, distance and chemical composition. This allows to put many constraints on parameters of member stars. Additional constraints can be defined if there are bright eclipsing binaries in a cluster. Once their masses and radii are obtained from a combination of the light and radial velocity curves, they can be used to pin down the isochrones very precisely and use this constraint to derive masses and radii of pulsating stars. Therefore, an open cluster suitable for ensemble asteroseismology should contain not only many pulsating stars, but preferably also eclipsing binaries. There is no good example of the application of ensemble asteroseismology for β Cephei stars in an open cluster yet, but some work is in progress and some open clusters, like NGC 6910 (Saesen et al. 2010) , were already indicated for this purpose.
It is also clear that new clusters suitable for asteroseismology of massive stars, i.e. rich in β Cephei stars and bright eclipsing binaries, should be searched for. The present paper is aimed at checking if the open cluster Stock 14 is such an object. The first indication that Stock 14 might be good for ensemble asteroseismology came from the analysis of time-series photometry obtained during the third phase of the All Sky Automated Survey (ASAS-3, Pojmański 2002) . Using these data, Pigulski and Pojmański (2008) revealed that two bright members of Stock 14, HD 101794 and HD 101838, appeared to be eclipsing binary systems with β Cephei-type pulsating components. However, because the ASAS-3 telescopes are known to have poor spatial resolution, it is very important to consider the possibility of photometric contamination of the ASAS-3 photometry by nearby stars. Such situations have happened before: ALS 1135 is an example (Michalska et al. 2013) . For this reason, it was necessary to perform a follow-up study to verify if the variability of HD 101794 and HD 101838 is both pulsating and eclipsing in nature. Such a follow-up study has additional goals: (i) finding new pulsating stars in the cluster, (ii) obtaining multicolor photometry that can be used in mode identification, and (iii) deriving new parameters of the cluster. In order to achieve these goals, we obtained new photometric time-series data using a telescope with spatial resolution superior to that of the ASAS-3 telescopes and the CCD camera with a large field of view, amounting to almost half of a square degree. It is worth noting that our observations cover a part of the Cru OB1 association (Humphreys 1976 ) that itself can be an interesting object to study. (Alter et al. 1970 ) located close to the Galactic plane (b ≈ −0.7
• ). Photometric observations of the field of Stock 14 began when Ló-den (1973) published results of photoelectric U BV photometry and spectral types of eleven stars located in the cluster and its vicinity. Stock 14 was subsequently investigated by Moffat and Vogt (1975) , Turner (1982) , FitzGerald and Miller (1983) , Peterson and FitzGerald (1988) , and McSwain and Gies (2005) . The cluster reddening was consistently derived to be of the order of 0.25 mag in terms of E(B −V ). There was some spread in the derived true distance moduli; they ranged from about 11.7 mag (Kharchenko et al. 2005) to 12.3 mag (FitzGerald and Miller 1983) . The presence of early B-type stars distinctly implies a very young age of the cluster. It was estimated at 6 Myr by Turner (1982) and 10 Myr by Kharchenko et al. (2005) . To this day, no comprehensive study of photometric variability of stars in the field of Stock 14 has been conducted. Some very early results of this study have been already published in two conference papers (Drobek et al. 2010 , Drobek 2012 . In this paper, we present full results of the study. This paper is organized as follows: first, we describe the instrumentation and the observing run (Sect. 2). Then, calibration and reduction procedures are outlined. After that (Sect. 3) we describe the steps taken to transform the photometric data to the standard system, and determine the parameters of the cluster. The main body of the paper is Section 4, in which the variability survey and its results are presented. The discussion of our results is included in Section 5.
Observations, Calibrations and Reductions
The observations of Stock 14 were acquired between March 3 and May 13, 2007, using the Australian National University 1.0-m telescope at the Siding Spring Observatory, Australia. The detector used for our observations was the Wide Field Imager (WFI), which was placed in the Cassegrain focus of the telescope. The detector consisted of eight 2 K × 4 K CCD chips, arranged into an 8 K × 8 K array. The size of the entire detector was 123 × 123 mm, which corresponded to 52 × 52 arcmin 2 field of view. The resulting image scale of 0.38 arcsec per pixel was vastly superior to that of ASAS-3 telescopes. Three CCD chips of the WFI were not working at the time of our observing run, so that the field of view was reduced to about 0.5 square degree. Fig. 1 shows the field we observed and numbering system of the CCDs we adopted.
Our observations consisted of 19 nights in 2007 spanning 71 days and were divided into three separate runs: between March 3 and 11 (first run), between March 22 and April 3 (second run) and between May 8 and 13 (third run). During the first and the third run only images of the field containing Stock 14 were acquired (CCD #3 ′ , see Fig. 1 ). In the course of the second run, the images from all five operational CCDs were attained. Moreover, the entire field of view was shifted approximately 8 arcmin to the West. A set of Johnson U BV filters was used. For the field of Stock 14 (CCD #3) 1168 frames in U , 1169 frames in B, and 1193 frames in V filter were obtained. For the remaining fields 655, 657 and 687 frames were acquired in the respective filters. Since the target stars were bright, typical exposure times were short: 30 s in U , 15 s in B and 10 s in V , but varied depending on weather and seeing conditions. On average, seeing amounted to 2.3, 2.2 and 2.0 arcsec in U , B and V filters, respectively. In order to avoid CCD saturation, on nights between March 22 and March 30, the telescope was deliberately put slightly out of focus. We note that we did not obtain any photometry of the bright stars HD 101570 (CCD #1) and HD 101947 = V810 Cen (CCD #3). These stars were severely overexposed in all frames, so that no attempts at calculating their magnitudes were made.
The calibration of the CCD images consisted of the following steps: overscan subtraction and trimming, bias subtraction, corrections for non-linearity, and flat fielding. Dark current was found to be negligible. The polynomial non-linearity corrections were applied according to the prescription of Tinney (2002) 1 . The flat field structure of the WFI CCDs was found to be variable up to about 2% in B and V , and up to 5% in U . We decided that the best approach would be to prepare average master flat frames based on the best available individual frames, and then use the master flats for the images from the entire observing run. While this approach worked reasonably well for B and V images, we had to discard about 300 worst-looking U frames. Stellar magnitudes were calculated by means of the DAOPHOT II program (Stetson 1987) . We obtained both the profile-fitting and aperture photometry. Unfortunately, despite the short exposure times, the brightest stars in our field of view became saturated, so that it was not possible to obtain their magnitudes by means of aperture photometry. In case of those stars, the saturated pixels were masked, and profile-fitting photometry was used. For bright unsaturated stars the aperture photometry appeared to have smaller scatter than profile photometry, while for faint stars the opposite was true. In total, we found 24 579 stars in our V -filter reference frame. To proceed with the analysis, we had to account for the atmospheric effects in our observations. This was done by means of differential photometry. We selected a set of comparison stars by trial-and-error procedure, paying attention that they are evenly distributed in the CCD frames. As a result, we obtained differential time-series data of each star in up to three passbands.
U BV Photometry
The mean instrumental magnitude of each star was calculated as an average value of its time-series. The weather and seeing conditions were optimal during the nights between March 31 and April 3, so that only this part of time-series has been taken into account for the calculation of average magnitudes. If a star had less than 40 observations in that time interval, it was considered too faint and discarded from further analysis. The deviant data points were rejected by means of 3-σ clipping. In eclipsing binaries only the points outside eclipses were considered in that computation. For each star that was observed in more than one filter we calculated instrumental color indices and their uncertainties. From the inspection of the instrumental color-magnitude and color-color diagrams, we decided to use the value of 0.01 mag as an upper limit for the uncertainty of the colors. Using this criterion, we conclude that as far as the instrumental photometry is concerned, from a total of 24 579 stars, a subset of 6560 has reasonably good photometry in B and V bands,
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and 1941 stars have decent photometry in three filters.
Transformation to the Standard System
Photometric standards were not observed during our observing run. Photoelectric magnitudes of Stock 14 stars were published by Peterson and FitzGerald (1988) , so in principle cluster stars could be used as secondary standards. However, this approach would only allow to transform the instrumental magnitudes of stars observed with CCD #3 (see Fig. 1 ). The field of view of the four remaining chips was searched for suitable stars with known U BV magnitudes. Unfortunately, the number of available stars was too small to derive transformation equations.
During the observations, the field of view of the telescope was drifting to the South-East because of tracking problems. As a result, some stars moved from one CCD chip to another during the night. Such stars had their time-series data divided into two parts, which consisted of data points acquired with two different CCDs. If the number of data points was large enough, it was possible to calculate average magnitudes of a star in the instrumental systems defined by both chips. With a sufficient number of such stars, photometric transformations between the instrumental systems of adjacent CCDs were derived. Equations of the following form were used:
In all equations and figures, the lowercase and uppercase letters respectively denote the instrumental and standard magnitudes, while indices stand for the CCD numbers. This convention is used throughout the paper. Values of the coefficients are presented in Table 1 , where the numbers in parentheses are the rms errors of the transformation coefficients with leading zeros omitted. It should be noted that most of the color-dependent terms in the v-magnitude transformations (α i j coefficients) are consistent with zero. Derived transformations introduce uncertainties of at most 0.022 mag. The equations above allow us to bring v magnitudes and (b − v) colors of all stars to the photometric system of CCD #3, preparing them for the transformation to the standard system. Due to the lack of a suitable number of stars with precise measurements of u magnitudes near the boundaries of CCDs, the (u − b) colors of stars observed with CCDs other than #3 have to remain in their respective instrumental systems. Transformation of the instrumental magnitudes and colors from the instrumental system of CCD #3 to the standard system was based on the photometric data of Peterson and FitzGerald (1988) . Transformations of v 3 and (b − v) 3 are straightforward, and a linear function of the instrumental color index fits the 31 data points well ( Fig. 2a and Fig. 2b ). The treatment of (u − b) 3 colors required more consideration. From the inspection of Fig. 2c it was clear that a simple linear transformation would be insufficient for the stars with instrumental color indices greater than about 0.36 mag. The result of dividing the range of observed color indices into three subsets and fitting a line to each of them independently was not satisfactory. The number of stars in the last two subsets was small, which caused systematic effects in the resulting (U − B) colors. In the end, we decided to derive a linear transformation based on 17 stars with (u − b) 3 < 0.36 mag (Fig. 2d) . This transformation was applied to 74 stars from fields 3 and 3 ′ . The (u − b) 3 colors of the remaining stars were not transformed. The transformation equations in their final forms are given below, σ denotes the standard deviation from the fit: It is clear that the photometric performance of the WFI is unusual and requires an explanation. Tinney (2002) 2 presents the quantum efficiency curves of individual CCD chips, as well as the transmission curves of the filters. The instrumental U filter seems to be similar to the standard one, but the major issue is the quantum efficiency. The WFI CCDs are optimized for observation in the visual and red parts of the spectrum, and their quantum efficiency drops to less than 10% on the ultraviolet side of the Balmer jump. This shifts the effective wavelength of the U filter to longer wavelengths, possibly to the red side of the Balmer jump. Additionally, the transmission curve of the WFI B filter is shifted towards shorter wavelengths in comparison to the standard Johnson B. We believe the combination of these two factors to be the cause of the peculiar behavior of the instrumental (u − b) colors.
The Parameters of the Cluster
Having calculated standard magnitudes and color indices of cluster stars, it was possible to determine the global parameters of Stock 14. To measure the reddening of the cluster, a standard relation between intrinsic color indices of main sequence stars (Caldwell et al. 1993 ) was fitted to the two-color diagram of the cluster (Fig. 4) . Only 74 stars with reliable (U − B) color indices have been taken into account. The stars have been divided into two sets: stars located within 10 arcmin from the center of the cluster (plotted with filled symbols), and the remaining stars (open symbols). We assume that the first set represents more probable cluster members, although from the inspection of Fig. 4 it is clear that there are some stars with individual reddenings concordant with the one of the cluster located further than 10 arcmin from the center of Stock 14. We assumed a standard relation between color excesses,
and fitted the reddened curve to 55 probable cluster members. The reddening of E(B −V ) = 0.21 ± 0.02 mag was determined.
Once the reddening of the cluster has been estimated, distance and age of Stock 14 were determined by fitting theoretical isochrones to the color-magnitude diagram of cluster stars (Fig. 5) . In this case the number of available stars with reliable standard photometry was much larger. To clarify the picture, only the stars located within the radius of 10 arcmin from the cluster have been used. Despite this A. A. limitation, the diagram is dominated by the main sequence field stars. Nevertheless, a thin, well-defined main sequence of Stock 14 is visible down to V magnitude of about 15.5. We note the apparent lack of evolved stars in this region of the sky, save for V810 Cen for which we have no photometry due to saturation, and which probably is not physically associated with Stock 14 anyway (Kienzle et al. 1998) .
To derive the age and distance of the cluster we used a set of theoretical solarmetallicity (Z = 0.017) isochrones of Bertelli et al. (2008 Bertelli et al. ( , 2009 . They were fitted to the main sequence of Stock 14. Assuming A V /E(B −V ) = 3.1, we derived the true distance modulus of (m − M) 0 = 11.90 ± 0.05 mag. The age of the cluster amounts to 20 ± 10 Myr (Fig. 5 ). Since previous estimates of age and distance of Stock 14 done by different authors were based on smaller samples of stars, the results presented here can be regarded as more reliable.
Variable Stars
We decided that with up to 1200 observations per star, the V -filter profile photometry is best suited for the variability survey. The differential V -band time-series were subjected to the Fourier analysis in the frequency range between 0 d −1 and 40 d −1 . The resulting Fourier spectra and phase diagrams were examined visually. At that point the decision on classification was made. If a star was classified as variable, photometry in the remaining passbands was inspected. If a star was bright and unsaturated, aperture photometry data were also examined. In the final analysis, we used the best available time-series data for each star. Whenever a frequency was found in the power spectrum, the following function was fitted to the original data by means of the non-linear least squares:
where m 0 is the mean differential magnitude, N is the number of terms, f i , A i and φ i are their frequencies, amplitudes and phases, and t is the time elapsed from the initial epoch of T 0 = HJD 2 453 000.0. Then, the power spectrum of the residuals was calculated. This procedure was repeated until there were no more significant peaks in the spectrum. In terms of the signal-to-noise ratio, we adopted a significance threshold of 4.0. When a star appeared to be an eclipsing binary system, we used the AoV method of Schwarzenberg-Czerny (1996) as a consistency check, utilising an appropriate number of harmonics to derive the orbital period. If a significant frequency below 4 d −1 was detected in a given star, its differential timeseries was recalculated using a new set of suitable comparison stars located near that star in the CCD frame. This was done to ascertain that the low frequency does not result from the inaccuracies of flat-fielding. The amplitude spectra of some stars exhibited noise at low frequencies. For those stars we used the following detrending procedure: the periodic signal was removed from the original time-series, and the average of residuals on each night was calculated. Those averages were subsequently interpolated by a cubic spline, and that smooth curve was subtracted from the original data.
Because our data set consists of observations acquired during three observing runs, and because the field of view was not the same during all the runs, we encounter three types of spectral windows (Fig. 6 ). Stars observed in fields 1, 2, 4, 5 and the westernmost part of field 3 (see Fig. 1 ) were observed during the second run only, and the spectral windows of their observations are presented in Fig. 6a and Fig. 6b . Stars located in the easternmost part of field 3 ′ were observed during the first and third run ( Fig. 6c and Fig. 6d) . Finally, the region of the sky closest to the center of Stock 14 was observed during all runs ( Fig. 6e and Fig. 6f ). The frequency resolution is the best for the combined data, but an aliasing problem is introduced: because the three runs are separated by about 20 days (as described in Section 2), the spectral window features strong aliases of frequency ± 0.048 d −1 (Fig. 6f) .
For sufficiently bright and isolated stars with high enough light amplitudes, we used all the available ASAS-3 photometric data to derive precise frequencies. While the accuracy of the ASAS-3 photometry is inferior to the one obtained by us, its frequency resolution is far superior to ours. This is because the time base of ASAS-3 observations spans up to 10 years, depending on a star. Admittedly, the ASAS-3 frequency spectra are affected with severe daily aliases, but it is possible A. A. to calculate the first approximation of the frequency from the WFI photometry, and use this value to discard spurious results in the ASAS-3 periodogram. Whenever this paper mentions a period or frequency derived from the ASAS-3 data without any citations, it indicates that it has been derived in this manner.
Our survey resulted in finding 103 variable stars in the observed field, 15 of which have already been known as variable in light. They are listed in Table 2 . The stars were divided into four general variability categories: (i) multiperiodic, (ii) monoperiodic, (iii) eclipsing and ellipsoidal, and (iv) long-period, semi-regular or irregular stars. As far as sinusoidal light variations are concerned, detection of multiple independent frequencies usually indicates that the variability is caused by stellar pulsations. When only a single frequency is detected, one cannot be sure whether this is the case and alternative explanations should be considered. We assume that the multiperiodic stars presented in Table 2 are genuine pulsating stars, and attempt to identify their variability type based on the available information, i.e., frequencies, amplitudes, U BV colors and spectral types. The knowledge of U BV color indices is especially beneficial, as the position of the star in the twocolor diagram can often be used to distinguish the hot β Cep and slowly-pulsating B-type (SPB) variables from cooler δ Sct and γ Dor pulsators. In the previous section, we noted that we do not have reliable standard (U − B) colors for most of the stars, but even the instrumental color indices are sufficient to this end. Positions T a b l e 2 Variable stars in the field of Stock 14 open cluster. Variable stars which were known prior to our study are preceded with an asterisk in the first column. Likely members of Stock 14 are identified by an (m) following the identification. ∆V stands for the peak-to-peak amplitude. Periods followed by [A] have been calculated from the ASAS-3 photometry. The other columns are self-explanatory. of the discovered variable stars in the color-magnitude and color-color planes are presented in Fig. 7 . The appearance of those two diagrams will be discussed in detail in Sect. 5. Whenever an unambiguous identification of the variability class is impossible, we discuss the possibilities in the text. The parameters of the least squares fits for periodic variables are not presented here. The table with these parameters and the U BV time series of the discovered variable stars are available from the Acta Astronomica Archive.
In the following sections we shall discuss the basic properties of the stars found to be variable in light. Regarding identification, we refer to the stars as v1, v2, etc.
If a star appears in the WEBDA 3 database, we also provide its WEBDA number, prefixed with W, in the last column of Table 2 . The variables can be identified with their equatorial coordinates which are also provided in Table 2 . The coordinates were calculated in the following way. First, positions of all stars in all V -filter frames were transformed to the positions of a single arbitrarily chosen reference frame. These positions (in pixels) were averaged and transformed to equatorial coordinates via astrometric transformation using stars from the USNO B1.0 catalog (Monet et al. 2003 ) as a reference. This was done separately for each CCD. Typically, about 400 stars in common with the USNO B1.0 catalogue were used to calculate transformation for a given chip. Standard deviation of these transformations amounted to about 0.25 arcsec.
β Cephei Stars
One of the most important results of this work is the confirmation of both the eclipses and low-amplitude variations reported by Pigulski and Pojmański (2008) in HD 101838 (v1) and HD 101794 (v2). The photometry of the two stars was analyzed in the following way. First, the neighboring points in the light curves were averaged to increase the signal-to-noise ratio. Visual inspection of the resulting averaged time series revealed the presence of eclipses, the times of which were in a very good agreement with the ephemeris given by Pigulski and Pojmański (2008) . In order to remove the contribution of eclipses, we assumed the orbital periods derived from the V -band ASAS-3 photometry by aforementioned authors, and fitted them to our data using an appropriate number of harmonics. Then, the residuals were analyzed. In HD 101838 we found light variations with a frequency of f 1 = 3.1273(12) d −1 . In HD 101794, we detected two terms with frequencies of f 1 = 4.4506(4) d −1 and f 2 = 1.8415(5) d −1 (Fig. 8 ). In conclusion, we can state that the variability reported by Pigulski and Pojmański (2008) is confirmed for both targets. However, there is still room for improvement. Removing the contribution of eclipses by fitting a sine term with orbital period and its harmonics is simplistic, and the analysis requires a more diligent approach. We have acquired additional photometric and spectroscopic observations of HD 101838 and HD 101794, and we expect to do a detailed light curve modeling in the future, based on all available data. The eclipsing light curves of both stars, this time freed from the contribution of pulsations, are presented in the first two panels of Fig. 13 . The light curve of HD 101838 features a shallow primary eclipse, and a hint of what could be a secondary. In HD 101794 one can clearly see two eclipses of similar depth. We detected short-period variability in another bright star, HD 101993 (v3). From the Fourier analysis, we find five frequencies present in its power spectrum (Fig. 8) . The star shows significant low-frequency noise, likely due to the proximity of two bright stars in the CCD frame, one of them being the severely over-exposed V810 Cen. Detrending was done in a manner described above, which helped to some extent. The star was classified as B1 Ib (Houk and Cowley 1975) and B2 IV-V (FitzGerald and Miller 1983) . Assuming parameters of Stock 14 in accordance with those derived in Section 3.2, we find the position of v3 in our color-magnitude diagram (Fig. 7a) to be consistent with a B2 V star. In the twocolor diagram (Fig. 7b) , this star is located in the region occupied by B-type stars, and its reddening is consistent with the cluster membership. In light of the fact that the star is located within one arcmin from the center of Stock 14, we classify it as a β Cephei-type variable and a cluster member.
There is another β Cephei-type pulsator in the field, v4. Its position in the color-color diagram (Fig. 7b) shows it is an early B-type star. The star seems to be severely reddened: about 0.8 mag more than Stock 14 in terms of E(B − V ). Such amount of reddening along with a large angular distance from the center of the cluster (36 arcmin) suggest that v4 is a background object. We have detected two modes in the frequency spectrum of this star (Fig. 8) .
All four β Cep stars are plotted with filled red circles in both panels of Fig. 7 . For clarity, we do not label stars in these plots; their positions can be found using the entries given in Table 2 .
SPB and Candidate SPB Stars
SPB stars have periods in the range between 0.4 and 5 d. Unfortunately, there are other types of periodic variability which overlap in period with SPB stars. Thus, one can trustworthy classify a variable as an SPB star only if (i) it is a B-type star, and (ii) it is a multiperiodic variable with periods typical for SPB stars. Unfortunately, there is only one such star in our sample, v11. Five modes were found in its Fourier spectrum (Fig. 9) . The position of v11 in photometric diagrams (Fig. 7) indicates that it can be late B spectral type cluster member. This conforms the spectral type B8 V given by Pickles and Depagne (2010) based on synthetic multi-band photometry. The membership of v11 is also validated by its small angular distance of less than 4.5 arcmin from the cluster center.
There are seven stars (v5 -v10 and v14) which do not satisfy criterion (ii), i.e., they show only a single periodicity, but their periods fall in the range allowable for SPB stars. We therefore consider them to be SPB candidates. Their B spectral type identity is judged either from direct spectroscopy of a star or from location in the two-color diagram (Fig. 7b) . For example, v10 is a star of spectral type B6 V (FitzGerald and Miller 1983) . The light curves of this star (Fig. 10) are slightly non-sinusoidal. This does not exclude the possibility that this is an SPB star; an example of a similar SPB star is V612 Per = Oo 893 in h Persei (Krzesiński et al. 1999) .
There are three other stars in our sample, which show multiperiodic behavior with periods consistent with SPB classification which means that they satisfy criterion (ii), but it is not known if they are B-type stars. These are v12, v13 and v15. They could be SPB stars, but γ Dor variability is an alternative. All stars from this group are shown in Fig. 7 with open red circles.
δ Scuti Stars
We have discovered nine multiperiodic (v16 -v18, v20, v22 -v24, v27 and v28) and four monoperiodic (v19, v26, v29 and v30) stars with frequencies typical for δ Scuti-type pulsating stars. The Fourier spectra of multiperiodic stars typically show two or three modes, but three stars stand out in this respect: v16, v24 and v27 feature four, five and seven modes, respectively. As an example, the amplitude spectrum of v27 is presented in Fig. 11 . The brightest star, v16 (HD 308900), features four frequencies between 3.89 and 4.97 d −1 in its power spectrum. These are low, but still within the theoretical allowed frequency range for δ Scuti pulsators. ] Fig. 11 . The same as in Fig. 8 , but for the δ Scuti-type star v27 (top) and δ Sct/ γ Dor hybrid v21 (bottom). Seven frequencies have been found in the Fourier spectrum of v27; three frequencies, one high and two low in the spectrum of v21.
The frequencies of the four single-mode δ Scuti stars are high enough (higher than 10 d −1 ) to be sure that there is little probability that their variability is of different origin. Therefore, we classify these stars as δ Scuti-type pulsators. The δ Scutitype stars with both colors measured occupy positions consistent with spectral types A to F in the color-color plane. On the other hand, from the color-magnitude diagram one can infer that they are redder than cluster stars. In consequence, they are likely field objects. The star v21 exhibits light variations with one high and two low frequencies (Fig. 11) . It has a close neighbor of similar brightness in the CCD frame. We calculated Fourier transform of the time-series data of the neighbor, to check if it contributes to the low-frequency noise. This turned out not to be the case. In the color-color diagram this star is situated slightly below the clustering of points corresponding to A-type stars. This is an instrumental effect: this star has been ob-served with the WFI CCD #4, which is the worst in terms of quantum efficiency in the ultraviolet. In the color-magnitude plane the star is situated near the discovered δ Sct pulsators. We conclude that the low frequencies seem to be real, and that the observed light variations in this star can be interpreted as arising from g-modes typical for γ Doradus-type stars and a p-mode typical for δ Scuti-type variables. This makes v21 a hybrid pulsator. The star seems to be a field object.
There is a single multiperiodic star, v25, with three relatively low-amplitude high frequencies detected, 4.0, 7.9, and 7.6 d −1 . Surprisingly, it is very red, (B − V ) ≈ 2.0. If one assumes a reasonable behavior of reddening with distance, its position in the color-magnitude diagram cannot be agreed neither with β Cep nor δ Sct type of variability. The star has rather poor photometry, and it is possible that its variability is spurious or of instrumental origin. Another possibility is that the star is severely contaminated by an unresolved very red object. The star v25, the hybrid v21 and all 13 δ Scuti stars are plotted in Fig. 7 with filled red triangles.
Cepheids
Two known classical Cepheids, the double-mode UZ Cen (v31, Pel 1976 , Stobie 1976 ), and IZ Cen (v32, Walraven et al. 1958 , are located in the field we observed. Their variability is clearly visible in the light curves, but we were unable to recover the pulsation periods found in the literature due to the incomplete phase coverage. For this reason, we used the ASAS-3 data to derive accurate periods of both stars. We obtained 3.334311(3) d and 2.355204(7) d for the fundamental and first overtone radial mode of UZ Cen, and 5.89237(21) d for IZ Cen. The light curves of both stars in three passbands are presented in Fig. 12 . Since the WFI time series of UZ Cen could not be decomposed, its light curve is plotted as a function of time, whereas IZ Cen was folded with its ASAS-3 period. The two Cepheids are plotted in Fig. 7 with double open blue circles.
Monoperiodic Stars
The next twenty two variable stars form a group of periodically variable stars which, with one exception, cannot be unambiguously classified. The exception is bright star v33 (HD 102053) which shows variability with a period of about 11.4 d and peak-to-peak amplitude of about 0.09 mag in V filter. This is a known chemically peculiar star classified as Ap Si by Bidelmann and MacConnel (1973) and Houk and Cowley (1975) and B8 Vp (Si) by FitzGerald and Miller (1983) . Taking into account spectral peculiarities, the observed light variations can be interpreted in terms of rotational variability caused by spots in the stellar photosphere. We therefore classify HD 102053 as an α 2 CVn-type variable star. In the colormagnitude diagram (Fig. 7a ) the star is situated near the top of the main sequence, in the region occupied by early B-type stars; it is plotted with a cross (×). This suggests that v33 is a foreground object as already concluded by FitzGerald and Miller (1983) . The remaining monoperiodic variable stars presented in Table 2 , v34 -v54, have periods and amplitudes in a range from 0.1 to 3.8 d and amplitudes up to 0.5 mag. Most of them are faint, and we cannot exclude the possibility that some of them are pulsating. For example, the stars with short periods and small amplitudes (e.g., v35 and v38) might be pulsating stars of δ Sct-type. Those with relatively short periods and large amplitudes could be in turn low-inclination W UMa-type binary systems. Rotation and surface inhomogeneities or proximity effects in a binary system may also cause variability in stars included in this group. A good candidate for rotationally-induced variability is v39 which has non-sinusoidal light curve. Except for v33, the monoperiodic stars are plotted in Fig. 7 with filled and open red diamonds, respectively for stars with periods shorter and longer than 0.3 d.
Eclipsing and Ellipsoidal Systems
Apart from HD 101794 and HD 101838 described in Section 4.1, our survey resulted in detecting 31 eclipsing and ellipsoidal stars including 12 EA-type systems, one EB-type system, 11 EW-type systems and 7 ellipsoidal variables. The light curves of all 33 eclipsing and ellipsoidal systems are shown in Fig. 13 . Four eclipsing binaries have been known as variable prior to this study : v1, v2, v55 = V346 Cen (O'Leary and O'Connell 1936 , Hernández and Sahade 1978 , Gimenéz et al. 1986 ) and v56 = HD 309018 (Pojmański 1998). The magnitudes and colors
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in Table 2 correspond to the phase outside of eclipses. In this section we comment on the most interesting findings and devote a separate subsection only to V346 Cen. In our photometry, v60 appeared to be variable with a period of 0.6855 d. After folding the time series data with that period, we obtained a light curve showing two eclipses of a similar depth. Apart from that, an additional deeper minimum is seen around phase of 0.6 (Fig. 13) . This minimum was observed only once, on HJD 2454187.17. At V = 12.41 mag the star is quite faint for the ASAS-3 telescopes, nevertheless the analysis of available ASAS-3 data resulted in finding a more accurate value of P orb = 0.684227(4) d. The deeper minimum is not visible in the ASAS-3 light curve. Its origin is not clear. The most plausible explanation is that our photometry is contaminated by an unresolved eclipsing binary system.
Another interesting system is v65. While tentatively classified as an EW-type binary star, its orbital period of 0.9589(6) d is quite long for a W UMa-type system. Folded with this period, the light curve exhibits the primary eclipse, and a gap in the data where the secondary should be. What is interesting, however, is the difference in out-of-eclipse brightness on both sides of the gap. This could indicate that a significant O'Connell effect is present in this binary system. More observations would be necessary to achieve complete phase coverage, which would make light curve modeling possible.
Judging from Fig. 7 , v56 and v57 are of early spectral type. The star v57 has a gapped light curve in our data, but the analysis of the ASAS-3 data allowed for unambiguous determination of its period (3.36366 d). It seems to be an ellipsoidal variable. The EA-type eclipsing variable v57 (HD 309018, CPD −62 • 2261) is classified as O9 V (Humphreys 1973) . Both v56 and v57 are more reddened than Stock 14; we discuss the possibility that they belong to Cru OB1 in Sect. 5.
For v72 and v82 we could not derive the orbital periods because the data probably cover only their secondary minima and possibly fragments of the primary ones. Unfortunately, attempts to find a period assuming circular orbit failed, so that these are likely systems with eccentric orbits and relatively long orbital periods. More observations are necessary to improve the phase coverage and to calculate the orbital periods of those two systems.
V346 Cen = HD 101837
V346 Cen (v55) was discovered as an eclipsing variable with unevenly spaced minima of similar depth by O'Connell (O'Leary and O'Connell 1936) . This prompted Dugan and Wright (1939) to study the star using Harvard College Observatory regular patrol plates dating back to 1890. They were the first to show the rotation of the line of apsides in the binary, a result confirmed later by O'Connell (1939) and Giménez et al. (1986) . The period of apsidal motion derived by the latter authors amounted to 321 ± 16 yr. They only used the times of minima obtained by themselves and O'Connell (1939) .
With the new data, including the ASAS observations and our own photometry, we have revised period changes in the V346 Cen system. First of all, we derived times of minimum light for four sets of data that became available since the anal-
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ysis of Giménez et al. (1986) : the ASAS-2 I -filter (Pojmański 1998 , Pojmański 2000 and ASAS-3 V -filter data, our own U BV photometry and 1974 Walraven V BLUW photometry published recently by van Houten et al. (2009) . The ASAS-2 and ASAS-3 data were divided into two subsets. Due to the scarceness of the data, for each set we folded the magnitudes with the appropriate period and then fitted eclipses by two Gaussian functions. The resulting phases of minimum light were converted to times of minimum adjacent to the mean epoch of a given subset. The calculated times of minimum light are listed in Table 3 . We note that due to the similar depth of eclipses, there is confusion in the literature regarding their naming. If following Giménez et al. (1986) we name the slightly deeper eclipse the primary one, then the opposite naming is adopted by Dugan and Wright (1939) , Kreiner et al. (2001) and Ogłoza and Zakrzewski (2004) . The new O −C diagram for V346 Cen is presented in Fig. 14a . The O −C diagram was calculated with the following ephemeris:
Min I = HJD 2421960.513 + 6.322046
d × E and Min II = HJD 2421963.674 + 6.322046
where E is the number of orbital periods elapsed from the initial epoch. Our ephemeris for the secondary minimum is exactly the same as used by Kreiner et al. (2001) for the eclipse they named "primary".
T a b l e 3 It is clear from Fig. 14a that a sole apsidal motion cannot explain the changes seen in the O − C diagram and that another effect must be involved. The most plausible candidate is the light-time effect in a wide system, which affects the times of both minima in the same way. In order to separate the effects we decided to use the time span between the primary and secondary minima, as this value is not affected by the light-time effect. The time spans, ∆T , in the sense ∆T = (Min I) − Larger symbols are used for data which were given higher weights in our fits. Times of minima listed in the literature but not used in our fits are shown with crosses (primary) and plus signs (secondary). Middle: The same as in panel (a), but after subtracting the changes due to apsidal motion. Bottom: Time spans between secondary and primary minima, ∆T , as defined in the text. Larger symbols stand for data with higher weights. Continuous line is the fit.
(Min II) + P a /2 were calculated for 20 pairs of minima that were separated by less than 20 orbital periods. P a stands for the anomalistic period. The resulting values of ∆T are plotted in Fig. 14c . Following the formalism presented by Giménez and Garcia-Pelayo (1983) and Giménez and Bastero (1995) , the time span defined as above equals to
where e, P a , and ω denote eccentricity, anomalistic period, and longitude of periastron, respectively. A 1 , A 3 and A 5 are coefficients defined in the cited papers. They depend on the inclination, i, and eccentricity. In the presence of apsidal motion, the only parameter that varies with time is ω; the variability is assumed to be linear, ω(E) = ω 0 +ω × E , where ω 0 = ω(0) andω is the angular velocity of the line of apsides. Fixing the period and assuming i = 83.9
• (Giménez et al. 1986 ), the only parameters that can be derived are ω 0 ,ω and e. They define respectively the phase, period and amplitude of the changes of ∆T . From the fit made by means of non-linear least squares we obtained ω 0 = 273.87
• ± 0.43 • ,ω = 0.02039 ± 0.00027 • /sidereal period, and e = 0.2873 ± 0.0010 . The uncertainties of parameters were derived by means of the bootstrap method.
The eccentricity we obtained is in a very good agreement with the value of 0.288 ± 0.003 provided by Giménez et al. (1986) . From ω 0 andω we can calculate the epoch when the minima were separated by half the period (ω = 270
• ). It is 1915.7 ± 0.2, with a fair agreement with previous determinations. Finally, the period of apsidal motion U = 360
• P s /ω = 306 ± 4 yr, where P s is the sidereal period. The U is within 1σ of the value obtained by Giménez et al. (1986) . However, we believe that our value is much better constrained, because the data we used span twice as long as those used by Giménez et al. (1986) . In addition, to derive U we used values of ∆T which are free from the suspected light-time effect affecting the O −C diagram.
Having obtained the three parameters, we have subtracted the changes in the O −C diagram from the contribution of the apsidal motion. The resulting diagram is shown in Fig. 14b . It can be seen that the residual changes, (O − C) ′ , can be indeed due to the light-time effect. Unfortunately, the data do not cover the whole orbital period of the wide system and we can only conclude that this period is longer than 100 yr.
Long-Period Variables
Our study revealed the presence of 18 stars (v86 -v103) which are clearly variable in light, but it was not possible to determine whether the changes are periodic or not. We classify these stars as long period variables (LPVs). Seven stars of this sample have been previously known to be variable. They were classified as "miscellaneous" variables in the ASAS-3 catalogue (Pojmański 2000) . The magnitudes and color indices for stars in this group are given for the epoch of HJD 2454193.1. They were calculated from the average U BV magnitudes acquired on that night. The variability range calculation was also based on the overnight averages, and represents the difference between the faintest and the brightest observed mean values. Two stars in the sample, v86 and v88, are relatively blue. Judging from its position in the two-color diagram, v88 is a B-type star. The other one, v86 (HD 101671) is classified as A0 Vm: (Houk and Cowley 1975) .
Discussion and Conclusions
We have confirmed the low-amplitude light variations detected by Pigulski and Pojmański (2008) in HD 101838 (v1) and HD 101794 (v2) . These variations were interpreted by the authors as arising from β Cephei-type pulsations. The frequency of about 3.13 d −1 found in v1 is close to the low-frequency limit for p-modes in these stars (Pamyatnykh 1999) . However, a g-mode or a mixed mode is a possibility. HD 101794 is an even more interesting case: two low-amplitude periodic terms are seen, one with frequency in the range expected of β Cephei stars, and another one which could arise from a g-mode (SPB-type pulsations). If both originated in the same component, it would make this star a hybrid pulsator, a very valuable candidate for seismic modeling. There is another possibility, however. The star is classified as a Be star (Henize 1976 , Garrison et al. 1977 . In light of this, the variations with the lower frequency might not be caused by stellar pulsations, but instead be of λ Eri-type seen in the component with Balmer lines in emission. The question of the origin of the observed variations could in principle be answered by the analysis of in-eclipse photometry. However, this would require photometric quality superior to that of the WFI data.
Fortunately, we have discovered another β Cephei-type member of Stock 14, HD 101993 (v3) . This makes Stock 14 a promising object for the application of ensemble asteroseismology. The fact that stellar parameters for two of the three β Cephei-type pulsators could be derived from the combination of the eclipsing light curve and radial-velocity measurements, is an additional, very strong constraint. The seismic modeling of this kind, however, is beyond the scope of this paper. It is postponed to a separate paper where additional multi-band photometry and spectroscopy will be used.
The yield of the present survey is a list of 103 variable stars, 88 of which have not been known as variable prior to this study. The majority of the discovered variable stars are field stars, not physically associated with Stock 14. This is supported by the fact that in the color-magnitude plane most of them form a strip coincident with the sequence of field stars. Judging from the photometric diagrams, only ten variable stars can be regarded as members of Stock 14. In addition to the three β Cephei-type stars (v1, v2, v3) , these are: the SPB star v11, four SPB candidates (v5, v8, v9, and v10) , and the eclipsing binary V346 Cen (v55). The B-type LPV v88 is the tenth possible member provided it is slightly more reddened than the main bulk of cluster members. Of course, a possibility that some faint variable stars, especially the eclipsing and ellipsoidal ones, also belong to Stock 14, cannot be excluded.
In the color-color diagram (Fig. 7b) we note the existence of a group of about ten OB-type stars reddened approximately 0.3 mag more than the cluster. The group includes four variable stars: two SPB candidates v6 and v7, the eclipsing O9 V-type star HD 309018 (v56) and the likely ellipsoidal variable v57. There is a possibility that these stars belong to the Cru OB1 association that surrounds Stock 14 in the sky. The association was defined by Klare (1967) as K12, and later studied e.g. by Lyngå (1970) , Humphreys (1976 Humphreys ( , 1978 and Kaltcheva and Georgiev (1994) . There are, however, other investigations indicating the presence of many A. A. more young stellar complexes in this direction (Mel'nik and Efremov 1995 , Tovmassian et al. 1996a , 1996b . This is not unexpected, as the line-of-sight in the observed direction crosses the Sagittarius-Carina spiral arm up to the distance of 6 kpc. In any case, Cru OB1 contains stars of as early spectral type as O6 V, so that it is much younger than Stock 14. It is also slightly more distant than Stock 14 which is located at the outer edge of the spiral arm. The members of Cru OB1 are therefore more reddened than Stock 14 with E(B − V ) reaching 0.5 mag, which agrees with the reddening of the group of stars we mentioned above. The two brightest stars seen in Fig. 7a are the resolved components of the O9.5 Ib binary HD 101545 and are also members of Cru OB1 (Humphreys 1978, Kaltcheva and Georgiev 1994) .
The mean reddening and distance of the Stock 14 cluster presented in this work differ from the values given by Moffat and Vogt (1975), Turner (1982) , Peterson and FitzGerald (1988) and Kharchenko et al. (2005) . Our results suggest the cluster is slightly less reddened: 0.21 mag as opposed to about 0.25 mag in terms of E(B − V ). With the distance of 2.4 kpc, it also seems to be situated further away from the Sun. The differences are likely caused by using a different intrinsic color relations for main sequence stars and more recent isochrones including more accurate treatment of stellar physics. The fact that our photometric survey is much deeper than the previous ones suggests our results can be regarded as more precise.
